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Radiometry and Spectroscopy
(To make a spectrometer we add a filter bank, correlator + FFT, or FFT + square)



Frequency conversion “Superheterodyne” schemes



Development of wideband low noise amplifiers by Sandy Weinreb



MMIC technology now in common use for Radio Astronomy



Since the signals to be differenced are amplified by both amplifier chains, 
gain fluctuations in either amplifier chain act identically on both signals and 
thus cancel upon differencing. 
The phase switches introduce a 180 degree relative phase change between 
the two signal paths, thereby interchanging which signal is fed to which 
square law detector. Thus, low frequency noise from the detector diodes is 
common mode and also cancels, further reducing susceptibility to
systematic effects.

WMAP receiver “Dicke” switching scheme



Very Small Radio Telescope (VSRT) Ozone Spectrometer

VSRT spectrometer as it was 
outside my office prior to 
moving to Chelmsford High 
School as part of an 
educational outreach project in 
January 2008

Spectroscopy processing:

Note: window functions can be added for 
improved resolution functions
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Ozone spectrum obtained using frequency switching

Frequency switching the LO puts the spectrum in the first half and then the second half of the bandpass

The spectrum is 
then folded about 
the center of the 
bandpass and 
added.

Line center is at 
11.0724545 GHz



EDGES antenna with 3 position switch: “Ant”,”Load”,”Load +Cal”



Fig. 3.— Integrated spectrum used for upper limit analysis of the reionization signal. The sky temperature, $T_{\mathrm{sky}\,}$ , is an estimate based on 
modeled values for cable losses with no correction for antenna reflections. The spectrum represents the best 10% of the data from observations over two nights. 
It is selected by discarding individual observation cycles (see § 3.3) containing periods of particularly intense RFI. A total of approximately 1.5 hr of integration is 
included (3.75 hr including the ambient load and calibrator noise source measurements in each cycle). The black curve shows the spectrum after de-weighting 
the interferers (gray lines) present in the retained observations. 

From The Astrophysical Journal 676(1):1–9.
© 2008 by The American Astronomical Society.
For permission to reuse, contact journalpermissions@press.uchicago.edu.

Sky noise spectrum 

Sky noise spectrum measured at Mileura in Western Australia. The data was taken in order 
to set a limit on the strength of 21 cm emission from the early universe. Details are reported 
by Bowman, Rogers and Hewitt in Ap.J. 2008, 676,pp 1-9 



Fig. 5.— Characteristic amplitude of the residuals to the polynomial fit as a function of integration time on the sky. The rms follows a thermal $( b\tau ) ^{-1/ 2}$ 
dependency until saturating at a constant 75 mK noise level due to the instrumental errors introduced into the measured spectrum. The dotted lines are guides 
for the eye showing a $( b\tau ) ^{-1/ 2}$ profile and a constant 75 mK contribution. 

From The Astrophysical Journal 676(1):1–9.
© 2008 by The American Astronomical Society.
For permission to reuse, contact journalpermissions@press.uchicago.edu.

Noise goes down 1/sqrt(t) until systematics dominate

The results were limited by systematics because, while “Dicke” switching was used the 
systematics from the spectrometer only cancel completely when the “signal” and 
“comparison” spectra have almost equal shape at strength.



Fig. 4.— Residuals after subtraction of seventh-order polynomial fit to the measured spectrum shown in Fig. 3. The gray line is the 
raw spectrum with 122 kHz resolution. The black line is the spectrum after smoothing to 2.5 MHz resolution to reduce the thermal
noise to below the systemic noise. The rms of the smoothed fluctuations is approximately 75 mK (see Fig. 5). 

From The Astrophysical Journal 676(1):1–9.
© 2008 by The American Astronomical Society.
For permission to reuse, contact journalpermissions@press.uchicago.edu.

EDGES systematics

The systematics in the digital direct sampling spectrometer used are mosly the result of 
coupling of the digital signals, like the FPGA clock, back into the analog to digital converter. 
Future development of spectrometers of this type require better isolation of the ADC from 
the other signals on the FPGA board.



Simple “Beamformer”

“front-end”

Beamforming antennas 
come in many different 
configurations:

Digitization of each 
element as in the 
Deuterium array allows 
multiple beams to be 
formed simultaneously.

Backends can be simple 
total power detectors, 
spectrometers and/or data 
storage and transmission 
systems for the larger 
array as in the MWA

“back-end”



Block diagram of Deuterium array station electronics

The data from each element is bandpass filtered in the GrayChip and then a FFT is taken 
in the DSP. Beamforming of the spectra is performed in the PC



48 channel receiver for each station of the array – shown with cover removed

Analog down convertersLocal Oscillator Digital boards
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Spectra of the 327 MHz line of Deuterium in the Galactic anticenter
from very long integrations using 24 beamforming stations

Details can be 
found in 
Rogers et al. 
2007, 
A.J.,133,1625-
1632



INTERFEROMETRY
VSRT demonstrator Single baseline interferometer



Interferometer noise

Frequency domain time domain
FFT

Note: Derivation of the rms noise 
requires Expectation product:

<abcd>=<ab><cd>+<ac><bd>   
+<ad><bc>

See Interferometry and Synthesis in Radio Astronomy by Thompson, Moran and Swenson.





Measurement of interferometer delay (time difference of 
arrival) is the principle of geodetic VLBI
[ The first direct evidence of tectonic plate motion came from VLBI ] 



For a triangle of baseline:
“Closure phase” = Fab - Fac + Fbc

For 4 stations:

“Closure amps” = (AB*CD)/(AC*BD)

(AB*CD)/(AD*BC)

More general “self-cal”:

#baselines = N(N-1)/2

#unkown LO + atmos phases = N-1

#unkown amps = N

A

B

C
A

C

B

D

“CLOSURE” QUANTITIES and “SELF”-CAL

For sparse array:

Sensitivity: SNR ~ √#baselines

~ N

If not coherent:    ~ √(N/2)

and improves       ~ T1/4

[see Rogers, Doeleman and Moran

1995, AJ, 109, pp 1391-1401 for details of 
coherent and incoherent averaging of 
interferometer data.]

“Closure” or “self-cal” is used to remove the effects of the atmosphere.



Typical coherence of VLBI observations at 86 GHz

Note that despite the 
large and rapid changes 
in the interferometer 
phases due to the 
atmosphere the closure 
phase which provides 
some information on the 
source structure is 
stable.



This simple double source experiment illustrates the principle 
used to obtain the results shown in the next slide.

Note we could have used a measurement of the distance between the lamps at the 
null in the fringe amplitude along with the distance to the feeds to calculate the 
interferometer baseline, given the wavelength, or the wavelength given the baseline 



“Superluminal” motion in the Quasar 3c279 from single baseline VLBI
3c279 is modeled as a simple double source

Note that the null 
in the visibility 
amplitude (or 
“fringe amplitude” 
as it is often called) 
is the same effect 
as we saw in the 
VSRT 
demonstration 
illustrated in the 
previous slide.



Some questions related to this presentation

Calculate the sensitivity of a 2 antenna radiometer observing a point source in the 
following configurations:

1]  Using single antenna non-switched total power mode

2] “Dicke” switching between the 2 antenna (i.e. one as a reference and not 
pointed at the source)

3] Dividing the power to feed 2 LNAs, phase switching, recombining and using 2 
square law detectors as in a single radiometer of the WMAP

4] Dividing the power from the antenna pointed at the source to feed 2 LNAs and 
then multiplying the outputs of the LNAs (i.e. a “correlation” receiver)

5] Configure the 2 antennas as a single baseline interferometer (with both 
antennas pointed at the source) and correlate the outputs of the LNAs

Ignore systematics and assume:

Tsys = 29 K, BW = 4 GHz (i.e. WMAPs 23 GHz radiometer)

Quote your results for the one sigma noise in units of mK sec1/2

(for a single WMAP 23 GHz radiometer you should get 0.65 mK sec1/2)
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